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ABSTRACT
Formation of supermassive stars (SMSs) with mass & 104 M is a promising pathway
to seed the formation of supermassive black holes in the early universe. The so-called
direct-collapse (DC) model postulates that such an SMS forms in a hot gas cloud
irradiated by a nearby star-forming galaxy. We study the DC SMS formation in a fully
cosmological context using three-dimensional radiation hydrodynamics simulations.
We initialize our simulations using the outputs of the cosmological simulation of Chon
et al. (2016), where two DC gas clouds are identified. The long-term evolution over a
hundred thousand years is followed from the formation of embryo protostars through
their growth to SMSs. We show that the strength of the tidal force by a nearby
galaxy determines the multiplicity of the formed stars and affects the protostellar
growth. In one case, where a collapsing cloud is significantly stretched by strong tidal
force, multiple star-disk systems are formed via filament fragmentation. Small-scale
fragmentation occurs in each circumstellar disk, and more than 10 stars with masses
of a few ×103 M are finally formed. Interestingly, about a half of them are found
as massive binary stars. In the other case, the gas cloud collapses nearly spherically
under a relatively weak tidal field, and a single star-disk system is formed. Only a few
SMSs with masses ∼ 104 M are found already after evolution of a hundred thousand
years, and the SMSs are expected to grow further by gas accretion and to leave massive
blackholes at the end of their lives.
1 INTRODUCTION
Recent wide-field surveys discovered that a population of
supermassive black holes (SMBHs) already existed at red-
shift z & 6 (Willott et al. 2010; Mortlock et al. 2011; Wu
et al. 2015; Venemans et al. 2016). Since the cosmic age at
z ' 6 is about 0.8 Gyr, the fact poses a challenge to the
theory of SMBH formation. One naive solution would be ef-
ficient growth of a seed BH with ∼ 102 M by gas accretion
over several hundred millions years, to attain barely the ob-
servationally inferred mass & 109 M of the early SMBHs.
Obviously, the seed BH mass needs to be sufficiently large,
but observationally confirmed stellar-mass BHs via X-ray or
gravitational wave (GW) emissions do not have masses as
large as 100 M(e.g. Casares & Jonker 2014; Abbott et al.
2016). Recent numerical simulations suggest that the mass
distribution of Population III (Pop III) stars can extend to
∼ 100 M (e.g. McKee & Tan 2008; Hosokawa et al. 2011,
2016; Susa et al. 2014; Hirano et al. 2014, 2015) and the
most massive population leave equally massive BHs (e.g.
Heger et al. 2003). The remnant BHs may grow into SMBHs
exceeding 109 M by z & 6, if efficient accretion with a
near-Eddington rate, is maintained for about a billion years
(e.g. Li et al. 2007). However, it is already known that ra-
diation feedback effects from both the stars and accreting
BHs reduce the accretion rate far below the Eddington value
(e.g. Yoshida 2006; Milosavljevic´ et al. 2009; Park & Ricotti
2011).
Supermassive stars (SMSs) with & 105 M are thought
to collapse via general relativistic instability (e.g. Shibata &
Shapiro 2002; Umeda et al. 2016) to become massive BHs,
and hence may be promising “seeds” for the formation of
early SMBHs (Bromm & Loeb 2003; Hirano et al. 2017).
Cosmological simulations suggest that the remnant BHs of
early SMSs can grow into SMBHs exceeding 109 M in sev-
eral hundred millions years via further mass accretion, and
also by circumventing the stellar feedback effects (e.g., Di
Matteo et al. 2012; Volonteri 2010).
There are a few formation pathways of SMSs includ-
ing the formation under supersonic gas streams (e.g. Hi-
rano et al. 2017) and a popular ultra-violet (UV) radiation
driven collapse (Chon et al. 2016; Regan et al. 2017). For
the latter, consider that the Lyman-Werner (LW; 11.2 eV
≤ hν ≤ 13.6 eV) radiation emitted by nearby galaxies is
strong enough to destroy H2 molecules in the cloud via pho-
todissociation. If such a cloud is hosted by a massive dark
halo with Tvir & 8000 K (the so-called atomic-cooling halo),
the cloud collapses isothermally at T ' 8000 K via atomic
hydrogen cooling. Such a high temperature gas collapse in-
duces rapid mass accretion onto a protostar with a large
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rate of M˙ & 0.1 M yr−1 (e.g. Latif et al. 2013). If the fast
accretion continues, the stellar mass reaches 105 M within
its lifetime of about a few million years.
The LW radiation intensity, usually normalized in units
of 10−21 erg s−1Hz−1cm−2str−1 (J21), is a key parameter to
set the conditions for the so-called direct collapse (DC) of a
primordial gas. Various authors have investigated the critical
J21 for DC. Recent studies suggest that J21 & 102–103 is at
least necessary (e.g. Omukai 2001; Shang et al. 2010; Latif
et al. 2014; Sugimura et al. 2014). The number density of
the DCBHs has been also estimated by various authors (e.g.
Agarwal et al. 2012; Dijkstra et al. 2014; Habouzit et al.
2016). They use galaxy formation models to investigate the
distribution of J21 at the locations of atomic-cooling halos
and count the number density of the DC candidate halos
in a volume of ∼ Mpc−3 −Gpc−3. These previous studies,
however, assume that all the halos that satisfy a few DC
conditions can actually bear SMSs. It remains unclear if the
gas cloud in the DC halos can actually collapse and produce
SMSs.
Earlier in Chon et al. (2016), we performed cosmologi-
cal hydrodynamics simulations of the formation of DC gas
clouds. We first used a semi-analytic model of early galaxy
formation and traced the star formation history of each halo
to determine accurately the radiation intensity J21 at the
positions of neighboring atomic-cooling halos. We then per-
formed hydrodynamics simulations and found that a large
fraction of DC clouds do not collapse, because of disruption
by the strong tidal force exerted by the nearby galaxy. Only
2 out of the 42 examined cases are successful in terms of DC.
The remaining important question is whether or not SMSs
are formed in the ‘successful’ cases. We follow the subse-
quent protostellar accretion evolution in the present paper.
The final mass of an SMS is determined through dy-
namical interplay between the central protostar(s), the cir-
cumstellar disk, and the infalling gas, where gravitational
fragmentation may occur. Recent high resolution simula-
tions show no significant fragmentation during the early col-
lapse phase of a DC cloud (Bromm & Loeb 2003; Regan &
Haehnelt 2009; Latif et al. 2013; Inayoshi et al. 2014; Choi
et al. 2015). In the later accretion phase after the birth of
a protostar, however, the circumstellar disk grows in mass
and becomes gravitationally unstable to trigger disk frag-
mentation (e.g., Becerra et al. 2015; Sakurai et al. 2016),
possibly leading to formation of a star cluster, rather than
the formation of a single SMS.
Radiative feedback from an accreting protostar is an-
other key process, which can limit the stellar mass growth
by halting the accretion (e.g. McKee & Tan 2008; Hosokawa
et al. 2011). Since the structure of an accreting protostar
under rapid accretion of & 0.1 M yr−1 is very different
from that of a main-sequence star, with a very bloated en-
velope, the UV feedback is thought to be weak for the DC
case (Hosokawa et al. 2012, 2013; Schleicher et al. 2013). Its
effective temperature is only Teff ' 5000 K, with which the
stellar UV emissivity remains small even when the stellar
mass reaches ∼ 104–105 M. The UV feedback strength is
intrinsically coupled to the fragmentation described above
because individual protostars begin to contract if the accre-
tion rate falls below ∼ 10−2 M yr−1.
In this work, we study the protostellar evolution in the
later accretion phase in the DC model. We start our ra-
diation hydrodynamic simulations from the final snapshots
of the two collapsing clouds found in Chon et al. (2016),
and follow the subsequent evolution for ∼ 0.1 Myrs. We
show that the tidal force exerted on the clouds critically af-
fects the stellar mass growth. In one case, strong tidal field
distorts the cloud and induces large-scale filament fragmen-
tation. The typical stellar mass is found to be as small as a
few × 103 M. The other cloud experiences relatively weak
tidal force, and stars with mass greater than 104 M are ac-
tually formed within 0.1 Myrs. The latter case is a promising
SMS formation process, whereas an interesting end-product
of the former case is massive star binaries. Both have im-
portant implications for direct and indirect observations.
The rest of this paper is organized as follows. In Sec-
tion 2, we describe our numerical methods, setup, and initial
condition. In Section 3, we present the early evolution of the
cloud collapse until the central density reaches 1013 cm−3,
and then describe the evolution in the later protostellar ac-
cretion stage for the duration of 0.1 Myr. In Section 4, we
investigate the role of the UV feedback in our simulations.
The physical effects not included in our study are discussed
in Section 5. Finally, we summarize our results in Section 6.
2 METHODOLOGY
We use the N-body + Smoothed Particle Hydrodynamics
code Gadget2 (Springel 2005) with the following extensions.
We implement sink particles to follow the protostar evolu-
tion. We use a stellar evolution model to follow the radii
(structure) and the luminosities of accreting protostars. Fi-
nally, we implement a ray tracing method to follow the ra-
diation feedback from accreting protostars. In this section,
we describe our numerical method.
2.1 Initial conditions
Chon et al. (2016) find that only 2 clouds collapse with the
gas density reaching 108 cm−3. The clouds are assembled
rapidly through mergers, and gravitational collapse is trig-
gered when their masses exceed a critical mass for DC. Fig. 1
summarizes the characteristics of these two clouds. We label
them as “filamentary” and “spherical” clouds. The filamen-
tary cloud is located close to the center of a massive galaxy
with the separation of ∼ 100 pc. The nearby galaxy has a
mass of 1010 M, which tidally distorts and elongates the
collapsing gas cloud (left top panel in Fig. 1). The spherical
cloud is located far from a massive galaxy with the sepa-
ration of ∼ 5 kpc (right bottom panel in Fig. 1). The LW
radiation is mainly provided by less massive galaxy with a
mass of ∼ 107 M at ∼ 400 pc from the spherical cloud.
Thus the cloud can avoid the tidal deformation from the
main galaxy and is able to collapse almost spherically (Vis-
bal et al. 2014).
To reduce the computational costs, we extract the re-
gion around the collapsing cloud center when the central gas
density has reached 108 cm−3. The extracted region has the
radial extension of ∼ 10 and 100 pc from the cloud center
for gas and dark matter particles, respectively. We include
the DM particles in larger region than the gas particles,
since the tidal field from the nearby massive galaxy can be
MNRAS 000, 1–?? (2016)
The formation of direct-collapse supermassive stars 3
-7.8
-7.6
-7.4
-7.2
lo
g 
de
ns
ity
z
x
9960 9980 1×104
1.014×104
1.016×104
1.018×104
1.02×104
-5
-4.5
-4
lo
g 
< 
de
ns
ity
 >
t=0.072
z
y
-20 0 20
-20
0
20
-5
-4
-3
lo
g 
co
lu
m
n 
de
ns
ity
t=0.049
source galaxy
source galaxy
10 cMpc
10 ckpc
10 ckpc
30 pc
30 pc
z = 19.5
z = 17.8
z = 12.9
7
8
9
10
11
12
lo
g 
< 
de
ns
ity
 >
1 4AU z = 17.8
7
8
9
10
11
12
lo
g 
< 
de
ns
ity
 >
104AU
z = 12.7
Filamentary
Cloud
Spherical Cloud
z = 15.7
Figure 1. Schematic view showing the locations of the spherical and the filamentary clouds. The clouds are taken from a large-scale
cosmological simulation with the box size of 20 h−1Mpc on a side. In our previous study Chon et al. (2016), the cloud evolution has
been followed until the central density reaches 108 cm−3 during the early run-away collapse. We further follow the subsequent long-term
evolution of the protostellar accretion for ∼ 0.1 Myr in this paper.
also important in the later accretion phase of the collapsing
clouds.
2.2 Chemistry
We include 9 primordial species (e−, H, H+, He, He+, He2+,
H2, H
+
2 , and H
−) and solve the chemical reaction and the
energy equation considering cooling process (Yoshida et al.
2003). Here, we omit the HD chemistry because the cloud
temperature is so high that the abundance of species includ-
ing deuterium is negligible.
We include an external radiation field which dissoci-
ates H2 and H
−. The external LW intensity is set to be
the value obtained by our semi-analytic calculation in Chon
et al. (2016). The intensities are 5000 (filamentary) and
1000 (spherical cloud) in units of J21 and almost constant
throughout the calculation. We assume that the radiation
spectrum is described by a 104 K black body as in Chon
et al. (2016). We do not consider attenuation of LW radia-
tion by the gas self-shielding since H2 is mainly dissociated
by the collision with H atom (Section 5.3). We do not con-
sider the ionizing radiation from the nearby massive galaxy
since it is attenuated by the intergalactic matter and by the
cloud envelope (Chon & Latif 2017).
Once protostars are formed, we also consider the lo-
cal radiation feedback originating from them. We imple-
ment only the local ionizing radiation which ionizes hydro-
gen atoms by using a ray-tracing scheme (Section 2.5). The
local LW radiation is not included in our calculations for the
following two reasons; the intensity of the local LW radia-
MNRAS 000, 1–?? (2016)
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tion is smaller than or comparable to the external one, and
the H2 dissociation rate by LW radiation is smaller than
that by the collisional dissociation with H atom in a hot
gas (Inayoshi & Omukai 2012). Thus, we expect the local
LW radiation from accreting protostars does not affect the
thermal evolution of the collapsing clouds that are already
exposed to a strong external LW radiation.
We adopt an optically-thin Lyα cooling rate throughout
the calculation, even at densities greater than ∼ 104 cm−3
where the gas actually becomes optically thick to Lyα pho-
tons. In practice, this prescription regulates the cloud tem-
perature at∼ 8000 K, which resembles the realistic tempera-
ture evolution that considers other H-cooling processes (e.g.
3p-2s transition, H− continuum, see Becerra et al. 2015).
Since we are interested in the stellar evolution for a
long period of ∼ 0.1–1 Myr, we use a ‘hard’ adiabatic
equation state with γ = 5/3 when the gas density exceeds
nadib = 10
13 cm−3. Otherwise, the increased gas density
makes the time step too short and the system’s long-term
evolution cannot be followed. To see how this adiabatic pre-
scription affects our results, we run test calculations with
changing nadib (see Section 5.4 for details). In short, bina-
ries with the smaller separations appear using the smaller
threshold density. In our cases, however, the stellar radius
becomes comparable to such a small separation with very
rapid accretion (see Section 2.5). The binaries with separa-
tions of < 100 AU are merging away, and they do not survive
in our simulations anyway.
2.3 Particle splitting
It is necessary to resolve the local Jeans length (e.g. Truelove
et al. 1997; Nelson 2006). We split a gas particle into 13
daughter particles following Kitsionas & Whitworth (2002),
when its density reaches n = 108 and 1010 cm−3. The initial
mass of the gas particle is 1.6 M and the gas particle mass
with n > 1010 cm−3 is 9.4 × 10−3 M. This prescription
allows us to resolve the Jeans length by more than ten times
the smoothing length of a gas particle (e.g. Stacy et al. 2016).
2.4 Sink particles
We implement a sink particle technique to emulate accret-
ing protostars in a gas cloud. We generate a sink particle
when the local gas density exceeds nsink = 5×1013 cm−3. A
sink particle is characterized by two important parameters,
a mass and a sink radius (R). The region within R around
the sink particle is called the “interaction region”, inside
which gas particles are accreted onto the sink particle.
As sink particle candidates, we first mark the gas par-
ticles with densities greater than nsink. To determine which
gas particle should be replaced by a sink particle, we impose
the following additional criteria (Hubber et al. 2013).
(i) Overlap criterion:
The interaction region of a newly formed sink particle should
not overlap with that of a preexisting sink particle j,
rij > Xsinkhi +Rj , (1)
where hi is the smoothing length of the candidate gas parti-
cle i, Xsink is an order of unity parameter which is set to be
4, rij is the separation between the candidate gas particle i
and the preexisting sink particle j, and Rj is the sink radius
of the preexisting sink particle j. Here, Xsinkhi is the sink
radius if the gas particle i is replaced by the sink particle.
(ii) Minimum gravitational potential:
The particle should reside at the local gravitational potential
minimum. We calculate the gravitational potential around
the candidate particles. Then we examine whether they re-
side at the potential minimum among other gas particles
within hi around the candidate particle. If not, we exclude
the gas particle from the candidates.
(iii) Hill criterion:
The candidate gas particle (with index i) should have a suf-
ficiently high density to contract under the disrupting tidal
force from preexisting sink particle(s),
ρi > ρHill ≡ 3XHillaij
4piGrij
, (2)
where G is the gravitational constant, ρi is the density of the
candidate gas particle i, aij is the gravitational acceleration
caused by the sink particle j, and XHill is an order of unity
parameter which is set to be 4.
The radius of the newly formed sink particle i is set to be
Xsinkhi, which is ∼ 20 AU in our calculations.
We assume that a sink particle accretes all the gas par-
ticles in the interaction region. Note that the prescription
likely overestimates the accretion rate (Bate et al. 1995;
Hubber et al. 2013), because no gas particles are allowed
to exist around the sink particles. The surrounding gas par-
ticles outside the interaction region are also accelerated to-
ward the sink particle by the negative pressure gradient. We
allow merging of sink particles, when the separation of two
sinks becomes smaller than the sink radius or the stellar ra-
dius (R∗, see Section 2.5.1). This is necessary because the gi-
ant protostars have radii comparable to the sink radius when
they are accreting the matter at a rate of ∼ 0.1−1 M yr−1,
the typical values in the DC model (e.g. Hosokawa et al.
2013). We conserve the mass and momentum of the sink
particles before and after merging. The angular momentum
is also conserved, and the original orbital angular momen-
tum is distributed to the gas just outside the interaction re-
gion. However, we do not exactly follow such an angular mo-
mentum redistribution because the detailed hydrodynamics
during the merger is not fully resolved near the sink. Since
each protostar experiences the merger event less than once
during the simulations, the uncertainty will not significantly
change our results.
2.5 Stellar evolution model
We employ an analytic model to estimate the radius, lu-
minosity, and effective temperature of an accreting proto-
star. Our model reproduces well the evolution of the pro-
tostar properties for various accretion histories. The model
has been tested with more detailed calculations that solves
the stellar interior structure equations (e.g. Hosokawa et al.
2013; Sakurai et al. 2015). In this study, we adopt an even
simpler model with the following two evolutionary stages:
(1) the supergiant protostar phase, and (2) zero-age main
sequence (ZAMS) phase.
MNRAS 000, 1–?? (2016)
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2.5.1 Supergiant protostar phase
Hosokawa et al. (2012, 2013) show that, with a high accre-
tion rate exceeding M˙crit = 0.04 M yr−1, the evolution
of the stellar radius is well approximated by the following
relation
R∗ = 38 AU
(
M∗
1000 M
)1/2
, (3)
which means that the star has a very large radius and re-
mains bloated as the stellar mass increases, independent of
different accretion rates. During this stage, the stellar effec-
tive temperature is almost locked at ' 5000 K owing to very
strong temperature dependence of H− opacity (e.g. Hayashi
1961). The protostar only emits a small amount of ionizing
photons with such a low effective temperature. The resulting
UV feedback is thus too weak to disturb the accretion flow
(e.g. Hosokawa et al. 2016). Even if the accretion rate falls
below M˙crit, the protostar remains bloated for about ten
times the Kelvin-Helmholz (KH) timescale (Sakurai et al.
2015),
tKH, surf = 1000 yr
(
M∗
500 M
)1/2
. (4)
As an input to our analytic model, we estimate the ac-
cretion rate onto the protostar by averaging instantaneous
rates onto the sink particle over every 30 years. We assume
that the protostar is in the supergiant phase described by
eq. (3) when the estimated accretion rate is higher than the
critical value M˙crit. When being in the supergiant phase, a
protostar emits little amount of ionizing photons. The pro-
tostar remains in the supergiant phase unless the accretion
rates fall below M˙crit for a duration longer than tKH,surf .
2.5.2 Zero-age main sequence phase
When the above conditions for the supergiant phase are not
satisfied, the protostar begins to contract owing to the radia-
tive energy loss, leaves the supergiant phase (Sakurai et al.
2015), and enters the so-called KH contraction phase. The
stellar effective temperature rapidly rises up to ∼ 105 K dur-
ing KH phase. After the contraction over a KH timescale,
the accreting star turns to follow the mass-radius relation of
the ZAMS stars.
For our analytic model, we simply assume that the pro-
tostar is on the ZAMS if not in the supergiant phase. We
adopt our previous results of the stellar evolution calcula-
tions for the ZMAS stars, i.e., the radius, luminosity, and ef-
fective temperature are tabulated as functions of the stellar
mass. We also assume that the star quickly returns back to
the supergiant phase once the accretion rate exceeds M˙crit.
Since we ignore the finite KH timescale for the super-
giant star to contract toward the ZAMS star, our above pre-
scription overestimates the stellar emissivity of the ionizing
radiation. As we will see in Section 4, however, the ionizing
photons hardly affect the accretion flow in our simulations
even with our simplified stellar model.
2.6 Transfer of ionizing radiation
We calculate photo-ionization of neutral hydrogen and the
resulting heating using a ray tracing scheme proposed by
log10 cell mass [M8]
(a) Filamentary Cloud
log
10
T 
[K
]
(b) Spherical Cloud
log
10
T 
[K
]
log10 n [cm-3]
Figure 2. Mass distributions on the density-temperature phase
diagram for (a) the filamentary cloud and (b) spherical cloud.
The snapshots are taken when the maximum density exceeds
1012 cm−3 in the early collapse stage. We here divide the whole
domain into 200 × 200 cells. The color map represents the gas
mass contained within each cell.
Susa (2006). The optical depth of ionizing radiation, τUV,
from a light source to the particle i is evaluated as the sum
of the local optical depth,
∑
j dτUV,j . Here, dτUV,j is the
optical depth from the particle j to a particle located at
the upstream of particle j. We then calculate the photon
number which is locally consumed by the interaction with
the neutral hydrogen. Since the optical depth of one SPH
particle is often large, we use the so-called photon conserving
method (Kessel-Deynet & Burkert 2000; Abel et al. 1999),
where the photo-ionization rate k and the photo-heating rate
Γ are given by (Rybicki & Lightman 1979):
k = − 1
4pir2
d
dr
∫ ∞
13.6 eV/h
Lνe
−τν
hν
dν, (5)
Γ = − 1
4pir2
d
dr
∫ ∞
13.6 eV/h
Lνe
−τν
hν
(hν − 13.6 eV) dν.(6)
We discretize the above equations and take volume averages.
3 RESULTS
3.1 Early collapse phase
In Chon et al. (2016), we followed the cloud evolution until
the central density reaches 108 cm−3. In both runs, the cloud
collapses in a “runaway” manner until a protostellar core
appears at the center of the cloud. During the collapse, the
gas cools by H atomic cooling. Fig. 1 shows the snapshots
MNRAS 000, 1–?? (2016)
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Figure 3. (a) The radial density profiles for the filamentary
(green) and the spherical clouds (blue) in their latest stages of
the run-away collapse. The vertical dashed lines marked as A, B,
and C indicate three characteristic scales where the filamentary
cloud shows the density bumps. The power-law profile n ∝ R−2
is also shown with the short black solid line for the reference. (b)
The radial profiles of the mass infall rate (M˙infall, eq 7).
when the central density reaches 1012 cm−3. In one case, a
filamentary cloud is formed by the strong tidal field from
the nearby galaxy (left top panel in Fig. 1) whereas the
other cloud contracts nearly spherically (right bottom panel
in Fig. 1). We call the former as “filamentary cloud” and
the latter as “spherical cloud”.
Fig. 2 shows the density-temperature phase diagram
within 10 pc from the cloud center. Both clouds collapse
almost isothermally on a high-temperature track between
8000 and 10000 K, while the adiabatic expansion cools some
gas particles slightly below 8000 K. In some cases, the adia-
batic expansion is followed by H2 formation as its collisional
dissociation rate decreases with decreasing the temperature.
Especially at n & 108 cm−3, a small number of gas particles
cool below 5000 K with the aid of rapid H2 formation by
3-body reaction. Inayoshi et al. (2014) point out that the
above process triggers the chemical and thermal instability
in the early collapse phase.
Fig. 3(a) shows the radial density profiles for the fil-
amentary (green) cloud and for the spherical (blue) cloud
when the cloud density reaches 1013 cm−3. In both the cases,
the density profile approximately follows n ∝ R−2 (black),
which is expected for self-similar collapse of an isothermal
cloud (Larson 1969). However, in the filamentary cloud, the
profile shows small bumps. We mark them in Fig. 3(a) by
the dashed lines and label them as A, B, and C from low to
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Figure 4. The projected density maps within the filamentary
cloud when the maximum density reaches 1012 cm−3. The physi-
cal scales become smaller from the top to bottom panels. The left
and right panels show the maps projected onto different planes,
which are perpendicular to each other (labeled as “xy” and “xz”
planes). The solid circles (A, B, and C) represent the scales pre-
sented in Fig. 3.
high density. Fig. 3(b) shows the radial profiles of the mass
infall rate (M˙infall) measured at the distance R,
M˙infall(R) ≡ 4piR2ρvrad, (7)
where ρ is the density and vrad is the radial velocity of gas.
We find that the spherical cloud has M˙infall & 1 M yr−1
at R . 106 AU. The filamentary cloud also has M˙infall &
1 M yr−1 at R . 106 AU. However, around the indicated
regions A and C, M˙infall is smaller than 1 M yr−1. As we
will see later in Section 3.2.2, the filament starts to fragment
at A and C in the later accretion phase.
Fig. 4 shows the projected density distribution around
the protostar in the filamentary cloud. The left and right
panels show the projections from the different directions and
we label them as “xy” (left) and “xz” (right). In the region
larger than A, the cloud has round shape projected onto
“xy” plane while it is elongated and shows a filamentary
structure in the “xz” plane. Near region B, the cloud shows
a clear filamentary structure. Around scale C, the filament
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Figure 5. Evolution of the axial ratio Q during the collapse of
the filamentary (blue) and spherical clouds (green). The ratio Q
is defined as a3/a1, where a1 and a3 are the lengths of the longest
and shortest axes. The upper horizontal axis represents the cor-
responding Jeans length (eq. 8) with the temperature fixed at
8000 K. The vertical dashed lines A, B, and C show the reference
scales shown in Fig. 3(a).
starts to fragment into multiple clumps. We will see the
cloud also fragments at scale A at 6800 yr after the central
protostar formation (Section 3.2.2).
To quantify the deviations from spherical collapse, we
approximate iso-density volumes around the cloud center by
a series of ellipsoids. In Fig. 5, we show how the axial ratio
Q ≡ a3/a1 of the iso-density contour varies with different
densities for the filamentary (blue) and the spherical (green)
clouds. Here, a1 and a3 are the lengths of the axes which
have the largest and smallest magnitudes, respectively. The
filamentary cloud has smaller axial ratios than the spherical
cloud. For example, at n = 108 cm−3, the filamentary and
spherical clouds have the axial ratios of ∼ 0.03 and ∼ 0.3,
respectively. In Fig. 5, we also show the Jeans length (RJ) as
a function of the gas density (n) with the fixed temperature
T = 8000 K,
RJ = 0.22 pc
( n
107 cm−3
)−1/2
. (8)
The axial ratio decreases at n & 1010 cm−3 in the spher-
ical cloud because the disk-like structure appears around
owing to the finite angular momentum. Contrastingly, the
small axial ratio at n & 106 cm−3 of the filamentary cloud
is not caused by disk formation. The corresponding Jeans
scale at this density is much larger than the scale where the
angular momentum support is strong at this epoch. Rather,
the small axial ratio is explained by development of a bar
in isothermal gas. Hanawa & Matsumoto (2000) suggest a
relation Q ∝ n−0.354 in linear regime. We see that Q ac-
tually follows this relation in the filamentary cloud (black
solid line). At n ∼ 108 cm−3, Q reaches 0.03 and enters
the nonlinear regime (Tsuribe & Omukai 2006; Chiaki et al.
2016).
Note that the elongation, i.e., the decrease of Q, is not
Spherical
Filamentary
500 AU
log10 Q
Figure 6. Distributions of Toomre Q parameter (eq. 9) around
the central protostar for the filamentary (top) and the spherical
(bottom) clouds. The snapshots are taken at ' 1500 yr after the
central protostar is formed.
entirely driven by the tidal torque from the nearby massive
galaxy. The tidal radius is about 1 pc and thus has almost
no effect at smaller length scales. The initial perturbations
are seeded by the tidal torque, and grow through isothermal
collapse in the filamentary cloud.
3.2 Later accretion phase
After the central protostar is formed, the infalling gas with
finite angular momentum is accumulated to form a circum-
stellar disk. In the self-gravitating gas disk, angular momen-
tum is transferred outward by the gravitational torque and
the central protostar is able to accrete and grow in mass.
When the disk becomes massive enough, however, it bears
multiple fragments. In this section, we study the evolution
of the protostars and the circumstellar disks.
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Figure 7. Face on view of the evolving disk and stellar systems in the filamentary (top) and spherical (bottom) clouds. The white
asterisks and colormaps represent the protostars and column density of the surrounding gas. The time is measured from the epoch when
a protostar first appears in the clouds.
MNRAS 000, 1–?? (2016)
The formation of direct-collapse supermassive stars 9
0 yr
** ***
2800 yr
*
*
*
6300 yr
*
*
*
*
* *
-6
-4
-2
lo
g 
co
lu
m
n 
de
ns
ity8100 yr
104 AU
17
15
13
log
10
 N
[cm
-2
](a) (b) (c) (d) 
A
B
0 yr
** ****
2800 yr
*
*
**
6300 yr
*
*
*
*
** **
3
14
5
16
7
l
o
g
 
c
o
l
u
m
n
 
d
e
n
s
i
t
y
8100 yr
104 AU
Figure 8. Filament fragmentation occurring in the filamentary cloud. The arrows indicate where a star-disk system forms through such
an event. In panel (b), the white circles indicate the different spatial scales A and B appeared in Fig. 3.
0.01
0.1
1
10
 0  20  40  60  80  100
M·
* [
M
⊙ 
yr
-1
]
 Filamentary
 Spherical
0
5
10
15
 0  20  40  60  80  100
N s
ink
time [kyr]
0
2
4
6
8
10
 0  20  40  60  80  100
M
* [
10
4  M
⊙]
0
2
4
6
8
10
12
 0  20  40  60  80  100
M
dis
k [
10
3  M
⊙]
time [kyr]
total sink mass
(dashed)
1st sink mass
(solid)
(a)
(c)
(b)
(d)
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the critical accretion rate, below which the star contracts to the ZAMS phase (see Section 2.5). The accretion rate is averaged over 30 yr.
3.2.1 The evolution of the star-disk system
A heavy circumstellar disk quickly undergoes gravitational
fragmentation. To quantify the gravitational instability, we
calculate the Toomre-Q parameter defined by
Q =
csΩ
piGΣ
, (9)
where cs is the sound speed, Ω is the orbital frequency, and
Σ is the surface density of the disk. Fig. 6 shows the dis-
tribution of Q parameter on the disk plane at 1500 yr af-
ter the protostar is formed. Inside the disk, Q is order of
unity while it is smaller than unity along the spiral arms
(Gammie 2001; Takahashi et al. 2016). These arms quickly
fragment into multiple clumps, where the Q is smaller than
unity (Q ∼ 0.1).
The most unstable length- and mass-scales for the grav-
itational fragmentation are given by λ ∼ cs/Ω and Mfrag ∼
pi(λ/2)2Σ where Q = 1 has been assumed. With the typical
temperature and surface density in our simulations, these
scales are
λ =
pic2s
GΣ
= 17 AU
(
T
8000 K
)(
105 g cm−2
Σ
)
, (10)
Mfrag =
pi3c4s
4G2Σ
= 2.5 M
(
T
8000 K
)2(
105 g cm−2
Σ
)2
.
(11)
We find that the initial fragment mass is ∼ 5 M, in good
agreement with the above simple estimation.
Fig. 7 shows the development of multiple protostar-disk
systems for the filamentary and spherical cases, where the
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color scales indicate the column density distribution pro-
jected onto the disk plane. The circumstellar disk continu-
ously acquires mass and grows in mass and size (Fig. 7-Ia
and IIa). Then spiral arms are excited, which further frag-
ment into multiple clumps that finally contract to become
protostars (Fig. 7-Ib and IIb). At early epochs, some of the
newly formed protostars rapidly fall onto the central proto-
star. The inward migration is promoted by the interaction
with the gas inside the disk (the so-called Type-I migration).
The gas density near the disk center decreases with
time because remaining protostars accrete the surrounding
gas (Fig. 7-Ic and IId). This makes the gas-star interaction
less efficient and the migration toward the central protostar
ceases. More than three protostars are formed inside the
disk and they remain on stable orbits for several tens of the
disk rotation period. These features are common in both the
filamentary and the spherical clouds.
In the spherical cloud, only a single circumstellar disk is
formed around the cloud center. The multiple stellar system
formed via fragmentation of the primary disk is stable, and
no stars are found to be ejected from the disk until the end
of our calculation (t ∼ 0.1 Myr). The separations between
the protostars are smaller than the disk size of . 104 AU at
0.1 Myr.
In the filamentary cloud, another star-disk system is
formed at ∼ 104 AU from the cloud center as seen in Fig. 7-
Ie. In panel (b), we indicate the radii corresponding to A and
B in Fig. 3 by white circles. The filament starts to fragment
just near the circle A, where the filament’s axial ratio is
small enough and an overdense clump can grow in a non-
linear fashion (see Section 3.1). The clump soon migrates
toward the cloud center (panel d). Since angular momentum
is difficult to be extracted during its migration due to the
low gas density, the final separation between the two star-
disk systems is set by the angular momentum barrier. The
separation is larger than that found in the spherical cloud.
The filamentary collapse tends to generate multiple star-disk
systems that are well-separated.
3.2.2 Stellar mass growth
Fig. 9(a) shows the evolution of the total protostellar mass
(dashed) and the mass of the primary protostar (solid line).
Fig. 9(b) shows the evolution of the mass accretion rate onto
the primary protostar. Fig. 10 shows the mass evolution of
all the protostars found in each simulation. In these figures,
the green and blue lines represent the results for the fila-
mentary and spherical clouds, respectively.
The accretion rates are highly variable with time. Such
rapid variations have been often seen for the mass accretion
through a self-gravitating circumstellar disk, and is known
as “episodic accretion” (e.g. Vorobyov et al. 2013). We no-
tice that the accretion rate suddenly increases up to ∼ 1–
10 M yr−1 at t ∼ 27 kyr in the filamentary cloud. At this
epoch, the primary protostar experiences the three body in-
teraction with other protostars. The close encounter of the
primary protostar with another one excites strong density
enhancement and causes a large amount of the gas to fall
onto the primary protostar.
In the spherical cloud, stars grow in mass with a rate of
0.1− 1 M yr−1 until the end of the calculation. The rates
are much higher than the critical accretion rate, M˙crit =
0.04 M yr−1, and thus the stellar envelope remains ex-
panded to the radius of several ×10–100 AU. In the spheri-
cal gas cloud, the ionizing photon emissivity is smaller than
the number of hydrogen atoms infalling toward the center
per unit time (Sakurai et al. 2015), and hence the protostars
cannot fully ionize the surrounding gas.
In the filamentary cloud, however, M˙∗ decreases occa-
sionally below M˙crit. Fig. 9(c) shows the evolution of the
disk mass, where the disk mass is defined as the gas mass
with n > 109 cm−3. At t ∼ 10 kyr, another protostar is
formed in the disk, and both M˙∗ and the disk mass rapidly
decrease because the newly born protostar accretes the gas
in its surrounding. The primary protostar can then contract
toward the ZAMS under the slow accretion, and the emissiv-
ity of ionizing photons increases. Nevertheless, the ionizing
radiation does not prevent the mass accretion because the
surrounding gas, even if it is ionized, is strongly bound by
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Figure 11. (a) Stellar mass distributions at t = 100 kyr for the
filamentary (top) and spherical (bottom) clouds. In each panel,
the purple histograms show the simulation results, and the green
ones show the modified distributions with “Model with merger”.
In this model, we first pick up protostar pairs which experience
close encounters with < 200 AU and assume these pairs have
merged into single protostars. The mass of a combined protostar
is the total mass of the original pair. (b) Mass accretion rates (M˙)
against the stellar masses (M∗) at t = 100 kyr for the filamentary
(green) and the spherical (blue) clouds. The dashed line repre-
sents the critical mass accretion rate, below which the protostar
contracts into the ZAMS phase.
the protostar. By t ∼ 25 kyr, the gas is quickly accumulated
around the protostar and the accretion rate rises over the
critical value. The star recovers the supergiant phase again.
We will discuss the efficiency of the ionizing radiation feed-
back later in Section 4.
Fig. 9(d) shows the number of the protostars found
in the simulation. The disks around the protostars become
more stable with time in both clouds. In fact, the total stel-
lar mass grows at a faster rate than the disk mass. Thus, the
Toomre-Q becomes larger with increasing time (see eq. 9).
The number of protostars hardly changes after t ∼ 40 and
20 kyr for the filamentary and the spherical clouds, respec-
tively. In the filamentary cloud, fragmentation still continues
at later time than in the spherical cloud. This is because the
(t = 100 kyr) total survived ejected binary
Filamentary 25 13 3 7
Spherical 13 5 0 4
Table 1. Statistical properties of protostars at t = 100 kyr. Each
column show the number of protostars in total, survived, ejected,
and belong to any binaries at t = 100 kyr from left to right.
fragmentation also occurs at the filament far from the disk
(see Figs. 7-Id, Ie, and 8). The filament fragmentation itself
is not stabilized by the growth of the protostars. For exam-
ple, filament fragmentations take place at t ∼ 8 and 30 kyr.
We can see that the number of protostars suddenly increases
around these epochs.
3.2.3 Mass distribution of the protostars
Fig. 11(a) shows the mass distributions of the protostars
at t = 100 kyr for the filamentary (top) and the spherical
(bottom) clouds. The purple histograms show the mass dis-
tribution obtained in the simulations. Since the resolution of
our simulation is limited, further migration within ∼ 100 AU
cannot be followed accurately (Section 5.4). Since the stellar
radius is also of the order of ∼ 100 AU, the two protostars
are likely to merge, and the stellar mass of each star ob-
tained in our simulation is probably underestimated. Once
a protostar pair gets closer than 200 AU, they are assumed
to merge. Thereafter we treat the pair as a single protostar,
and just sum the masses of the merging protostar pair. We
refer this model as “Model with merger” (green histograms
in Fig. 11).
For the filamentary cloud, the stellar mass distribution
is concentrated at 3000–6000 M. Fig. 11(b) summarizes
how rapid mass accretion still continues depending at the
epoch of t = 100 kyr. The dashed line represents the crit-
ical mass accretion rate below which the supergiant star
contracts into the main sequence phase. In the spherical
cloud, protostars grow at rates & 0.1 M yr−1. Even the
most massive one remains in the supergiant phase. Conse-
quently, the protostars cause only weak ionizing radiation
feedback for entire period of our calculation. In the fila-
mentary cloud, the accretion rate decreases with time and
becomes smaller than the critical value for most of the pro-
tostars at t = 100 kyr. The total ionizing photon emissivity
increases to cause strong radiation feedback. However, as we
will see in Section 4, the ionizing radiation does not com-
pletely prevent mass accretion in our calculation, because
the accreting gas is strongly bound by the central stars.
3.2.4 Merger and ejection of protostars
In our simulations, protostars interact gravitationally with
other protostars. The close encounter of protostars results in
various events such as binary formation, merger, and ejec-
tion of the protostars. Mergers mainly take place within
. 1–2 kyr after the disk fragmentation because the surface
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Figure 13. Examples of the time evolution of the binary separa-
tion. Shown are merged binaries typical in the filamentary (green)
and spherical (blue) clouds. The solid and dashed lines represent
the binary separation and the radii of the binary stars. The start
and end points of each line correspond to the epochs of the binary
formation and merger.
density of the disk decreases and the disk-star interaction be-
comes inefficient after the sequence of fragmentation. Table 1
summarizes the number of protostars which are formed in
the simulation. We also list the number of survived, ejected,
and belong to any binaries at t = 100 kyr for the filamen-
tary and the spherical clouds. A protostar is assumed to be
ejected once the velocity exceeds the escape velocity (vesc)
of the cloud,
vesc =
√
2GMenc(< R)
R
, (12)
where R is the distance from the center of mass. Once a
protostar pair becomes gravitationally bound, the pair is
classified as a binary. We judge a pair is bound if the total
energy (Etot)
Etot =
m1v
2
1
2
+
m2v
2
2
2
− Gm1m2
r
(13)
is negative, where mi is the mass of the protostar member,
vi is the relative velocity to the center of mass, and r is the
separation of the members (i = 1, 2).
Fig. 12 shows the distributions of separations against
the total mass of binaries at different epochs of t = 43
(cross) and 100 kyr (open circle). We present the evolution
of the mass and the separation of the binaries by arrows.
The solid and dashed lines represent the stellar radius un-
der the mass ratios (q) with 1 and 0.5, respectively. Inside
the shaded region, the separation is smaller than the stel-
lar radius. We confirm the binaries usually have q & 0.5. We
also assume both of the member stars are accreting material
at a rate of > 0.04 M yr−1 and stars are in the supergiant
phase (eq. 3). At t = 43 kyr, some binaries have separations
slightly larger than the stellar radius. These stars grow in
mass and radius with time (eq. 3) and finally coalesce. At
t = 100 kyr, the survived binaries have typical separations
of a few times ∼ 103 AU, which is an order of magnitude
larger than the stellar radius. These binaries are so stable
that they will finally evolve into BH binaries after the stel-
lar lifetime. We will discuss the evolution of these binaries
in Section 5.2.
Fig. 13 shows the evolution of the separation of the
merged binaries. Here, we show examples both of the fil-
amentary (green) and of the spherical (blue) clouds. The
solid and dashed lines show the evolutions of binary sepa-
ration and the stellar radius, respectively. We combine bi-
nary members when their separations become smaller than
the stellar radius of more massive star. The separation de-
creases suddenly from ∼ 1000 to ∼ 100 AU due to the three
body interaction with another protostar (i.e. at 35 kyr in the
filamentary cloud). The stellar radius grows gradually with
time and the binaries finally merge. Other binary mergers
take place in a similar manner.
The survival rate of the protostar in the filamentary
cloud is larger than in the spherical cloud. This is due to the
filament collapse, in which the typical separations between
protostars are larger than those in the disk fragmentation.
Furthermore, once a filament fragmentation takes place, the
disk mass quickly decreases and the binary separation be-
comes difficult to shrink (t ∼ 10 kyr in Fig. 7c). Here, we
compare our survival rate of protostars with other studies.
The formation and evolution of multiple stellar system in
the normal Pop III star formation has been followed by
some authors (e.g. Stacy et al. 2016; Greif et al. 2012). They
find that about one third of protostars survive at the end
of the calculation. In our calculation, the survival rates at
t = 100 kyr are 52 and 38% in the filamentary and the spher-
ical clouds, respectively. The survival rate in the spherical
cloud is similar to their results while that in the filamentary
cloud is much larger than the results of the previous stud-
ies. We stress that their calculated clouds and our spherical
MNRAS 000, 1–?? (2016)
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Figure 14. Spatial distributions of (a) hydrogen ionization degree, (b) temperature, and (c) density in the filamentary cloud at t = 38 kyr.
The asterisks mark the positions of the protostars. In panel (b), protostars which emit a copious amount of ionizing photons are marked
with the white arrows and labeled as A, B, and C.
cloud show no filamentary collapse. This fact implies that
the survival rate of the protostars is largely determined by
the morphology of the collapsing cloud. In this study, the
cloud morphology is determined by the tidal field originat-
ing from the nearby massive galaxy.
In the filamentary cloud, three ejection events are ob-
served. The ejection is caused by the three body interaction.
Meanwhile in the spherical cloud, no protostars are ejected.
One reason is that the number of protostars are so small that
the chance of three body encounter is much smaller than in
the filamentary cloud. The other reason is that the gas rich
environment in the spherical cloud suppresses the ejection
of protostars (Fig. 9b). We find that when the three body
encounter takes place in the spherical cloud, a large amount
of gas in the disk is ejected instead of the protostars. In fact,
the total gravitational energy released by the binary forma-
tion is comparable in both clouds. This energy is transferred
to the kinetic energy of the surrounding gas in the spherical
cloud.
4 RADIATIVE FEEDBACK EFFECTS
We calculate the radiative feedback from the accreting pro-
tostars by adopting the simplified stellar evolution model
(Section 2.5). Fig. 14 shows (a) ionization degree, (b) tem-
perature, and (c) density distributions in the filamentary
cloud at t = 38 kyr. Here, the ionization degree is defined as
yHII/(yHI + yHII), where yi represents the abundance of the
chemical species i. Three protostars are emitting ionizing
photons at this snapshot and we label them as protostars
A, B, and C. Protostars A and B are ejected from the cen-
tral disk by three-body interaction and they create compact
H II regions around them whose size is ∼ 0.1 pc. Protostar C
remains around the center of the disk. We can see ionization
degree reaches 0.01–0.1 around protostar C. The tempera-
ture around UV emitting protostars only rises by a factor of
. 2 than the surrounding neutral gas, since the surrounding
gas has already a high temperature (Fig. 14b). Thus, the
ionizing radiation causes only minor effects on the protostar
evolution in our calculations.
In this section, we investigate the effect of the radia-
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Figure 15. The ratio of the Stro¨mgren radius RSt to the smooth-
ing length of the gas particles hsml as functions of the stellar mass.
The different lines represent the different densities of n = 107
(purple), 1010 (green), and 1013 cm−3 (cyan). The horizontal
dashed line corresponds to a boundary of RSt = hsml, above
which the Stro¨mgren radius is spatially resolved with more than
one smoothing length. When calculating hsml with eq. (15), differ-
ent particle masses are used depending on the density, 1.6 M for
n = 107 cm−3, and 9.6× 10−3 M for n = 1010 and 1013 cm−3,
the same values as used in the simulations (Section 2.3).
tion feedback in detail and discuss whether the radiation
feedback prevents the further mass accretion or not.
4.1 Limitation of the radiative transfer model
One can argue that the radiation feedback is inefficient be-
cause, in a high density region, we cannot resolve the ini-
tial Stro¨mgren radius (RSt), within which ionization and
recombination balance. The expansion of the ionized region
is mainly driven by the thermal pressure. In order to follow
the expansion of the ionized region, we need to first resolve
the structure within RSt.
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If the density (n¯) is uniform around the ionizing source,
RSt can be written as,
RSt =
(
3LUV
4pin¯2αBEUV
)1/3
= 300 AU
(
SUV
1053 s−1
)1/3 ( n¯
109 cm−3
)−2/3
, (14)
where αB is the case-B recombination coefficient, LUV is the
ionizing luminosity, EUV is the mean energy of the ionizing
photons, and SUV is the number of the emitted ionizing pho-
tons per unit time. To resolve the initial RSt, the smooth-
ing length of the SPH particles (hsml) should be sufficiently
smaller than RSt. The smoothing length hsml are determined
in the simulation as
Nneibmsph =
4pih3sml
3
µmpn, (15)
where Nneib = 64 is the number of the neighbor SPH par-
ticles to determine hsml, msph is the particle mass, µ is the
mean molecular weight, and n is the density of the gas par-
ticle. Equation (15) shows that hsml decreases as we reduce
msph. However, since our goal is to follow the long-term evo-
lution, we cannot reduce the particle mass further.
Fig. 15 shows the ratios of RSt to hsml for different stel-
lar masses and ambient densities. Here, SUV is given by the
result of Hosokawa et al. (2013) considering the star is con-
tracted to ZAMS. In the dense region n & 1010 cm−3, RSt
is smaller than hsml for the mass range considered. Only in
the region with n . 107–108 cm−3, RSt is marginally re-
solved. In Fig. 14(c), the ejected protostars A and B lie at
the density smaller than 108 cm−3. This is why the ionized
region expands around those protostars. However, protostar
C is located inside the disk where n & 109 cm−3. With the
stellar mass ∼ 103 M, RSt is smaller than hsml of the sur-
rounding gas for this case (Fig. 15). Thus, the ionized region
is difficult to expand around this protostar.
4.2 Radiation transfer with higher resolution
To further investigate the ionizing radiation feedback, we
follow the expansion of the ionized regions accurately by
adopting a higher spatial resolution. We focus on the radi-
ation from the most massive protostar in the filamentary
cloud. We increase the spatial (and mass) resolution in the
polar region, by splitting each gas particle into 103 particles.
By this procedure, the polar region is filled with a sufficiently
large number of gas particles, and it is possible to resolve
RSt by more than ten times the local smoothing length hsml.
We follow the expansion of H II regions for a few hundred
years.
Fig. 16 shows the temperature (left) and Xion (right)
distributions around the protostar. The arrows indicate the
velocity field of the surrounding gas. The ionized region ex-
pands in the polar directions. The gas in the polar region is
heated up to 2×104 K, but the ionized gas continues falling
onto the disk, and the expansion of the H II region is soon
halted. This is because the temperature of this ionized gas is
only by a factor of two to three larger than the neutral gas,
and thus is still gravitationally bound by the central star.
We evaluate the gravitational radius (RB) at which the gas
is bound by the central star as
RB =
GM∗
c2s,HII
= 3.25× 103 AU
(
M
103 M
)(
T
2× 104 K
)−1 ( µ
0.6
)
.
The protostar mass at this time is about 6000 M, and RB
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is much larger than the size of the ionized region, ∼ 400 AU.
Thus essentially all the ionized gas is gravitationally bound.
We calculate the mass accretion with and without the
ionizing radiation for a few hundred years after the par-
ticle splitting. The accretion rates onto the central star
show almost no difference between these two runs. The gas
within the disk is strongly bound by the central star and
not photo-evaporated. We confirm that the infall velocity
profiles within the polar region with and without the ioniz-
ing radiation remain nearly unchanged and the heating by
ionization has little impact on the infalling gas.
Our analytic estimate also shows that the ionized gas
will be gravitationally bound until the mass of the central
star exceeds∼ 105 M. Specifically, we construct the density
profile toward the polar region and discuss whether the edge
of the ionized region is bound by the central star. More
detailed description is given in the Appendix A. Our analysis
there supports the simulation result; the ionizing radiation
has negligible impact on the accreting matter.
5 DISCUSSION
5.1 Final Mass and Fate of the SMS
Although we have followed the protostellar evolution for ∼
0.1 Myr, it is still way before an SMS collapses into a BH. In
order to determine how massive seed BHs are finally left, we
need to follow the further evolution for the stellar lifetime
∼ 2 Myr. However, it is computationally too expensive to
accomplish it. We here estimate the final stellar and BH
masses from the final snapshots in our simulations.
Fig. 17 shows the radial profiles of (a) the enclosed gas
mass and (b) the gas velocity at the final epoch of our sim-
ulations for the filamentary (green) and the spherical (blue)
clouds. We see that the gas is outflowing at R > 7–8 pc
in both clouds, which is caused by tidal disruption by the
nearby massive galaxy. The infalling gas within R < 7–8 pc
can reach the central star within the stellar lifetime, ∼ 2
Myr. Panel (a) shows the infalling gas mass is . 3×105 M
for both clouds.
Assuming that no more protostars appear via the frag-
mentation, and that the existing protostars equally accrete
the infalling gas, we can estimate the typical final masses to
be ∼ 104 M for the filamentary cloud and ∼ 105 M for
the spherical cloud. These stars are massive enough to col-
lapse into BHs after exhaustion of nuclear fuel (e.g. Umeda
et al. 2016; Woods et al. 2017). During the final gravita-
tional collapse, most of the stellar mass is swallowed by the
BH (e.g. Shibata et al. 2016; Uchida et al. 2017). Therefore,
we expect that the filament cloud yields about ten BHs with
∼ 104 M and the spherical cloud produces several BHs with
∼ 105 M. In what follows we call these BHs as “DCBHs”.
5.2 Evolution of the DCBH binaries
We find that the stellar binaries are formed in the cloud
core. Some of them survive until the end of the simulation,
without merging with the companion. After their stellar life-
time, they will evolve into massive BH binaries with masses
of 103–105 M and with separations of 102 ∼ 103 AU (see
Fig. 12). One process for the binaries to lose their angular
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Figure 17. Radial profiles of (a) enclosed gas mass and (b) in-
fall velocity at 0.1 Myr after the birth of the primary protostar
for the filamentary (green) and spherical (blue) clouds. The hor-
izontal axis represents the distance (R) from the most massive
protostar. In panel (a), the green and blue vertical dashed lines
mark the outer boundaries of the clouds, beyond which the gas is
moving outward. In panel (b), the horizontal dashed line shows
the boundary between the inflow and outflow. Note that a positive
value represents the outflow in this plot.
momenta and to coalesce is emission of gravitational waves.
The coalescence time is given by (Peters 1964);
tGW,merge = 1.25× 1011 yr
( a
100 AU
)4( MBH
105 M
)−3
, (16)
which is about an order of magnitude larger than the Hub-
ble time. Some additional processes to remove the angular
momentum, e.g., interactions with surrounding gas or stel-
lar components, are thus necessary for a BH-BH merger to
occur.
If the gas or stars are accreted onto a BH, a fraction of
the accreted material is scattered and carries away the an-
gular momentum from the system. Kashiyama & Inayoshi
(2016) estimated the number of stars falling onto the central
BH, assuming possible star cluster formation. In our simula-
tions, clusters with several to ten stars are formed. Following
Kashiyama & Inayoshi (2016), the relaxation time of these
cluster (trelax) is,
trelax ∼ 1.6× 105 yr MBH
105 M
103 M
〈M∗〉
(
r
pc
)−3/2
, (17)
where MBH is the central BH mass, 〈M∗〉 is the average mass
of formed stars, and r is the size of the star cluster. Clus-
ter member stars are scattered into the loss cone orbit with
the time scale of trelax and falls onto the central BH. If the
central object is a BH binary instead, then a part of the ac-
creted star will be ejected. If we assume all the accreted star
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Figure 18. Characteristic strain amplitudes for merging BH-BH
binaries against noise amplitudes of the future observational fa-
cilities. Only the equal-mass binaries with 104 M BHs (blue)
and 105 M BHs (red) are considered. For each case, the solid
and dashed lines represent the merger events occurring at z = 10
and 30. The black solid lines show the expected noise amplitudes
of eLISA (Amaro-Seoane et al. 2012) and DECIGO (Kawamura
et al. 2011)
ejected at a speed of the escape velocity vesc =
√
GMBH/a,
then the angular momentum loss with time tstar,merge is
tstar,merge ∼ J〈M∗〉vesca/trelax ∼
MBH
〈M∗〉 trelax
∼ 1.6× 107 yr
(
103 M
〈M∗〉
)2(
MBH
105 M
)2(
100 AU
a
)
.
(18)
Thus, the BH binary separation can decrease through inter-
action with the stars formed in the same cloud.
After the formation of the DCBH, the host cloud will
merge with the nearby massive galaxy (the LW radiation
source). The stellar mass of the source galaxy is 106 and
107 M for the filamentary and the spherical clouds, respec-
tively. The mass of the cold gas within the source galaxy is
an order of magnitude larger than the stellar mass. The BH
binary is likely to shrink by interacting with the cold gas and
stars inside the source galaxy, and will finally merge due to
gravitational wave emission.
The amplitudes of the gravitational waves from merg-
ing DCBHs peak at the frequency of 1–10 mHz at the rest
frame. Thus the ground based GW detectors are difficult to
detect the GWs. The space GW detectors such as evolved
Laser Interferometer Space Antenna (eLISA) and Deci-hertz
Interferometer Gravitational wave Observatory (DECIGO)
can target these GWs.
Fig. 18 shows the characteristic strain amplitude hc(f)
for binaries at z = 10 (solid) and 30 (dashed). The wave-
forms are calculated following the template given by Ajith
et al. (2011). We assume equal mass binaries, where the mass
of each BH is 104 (blue) and 105 M (red). Black solid lines
show the noise amplitudes of eLISA and DECIGO. Binaries
with 104–105 M can be observed at z & 10. If the seed
BH of the observed SMBHs are provided by the DC model,
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Figure 19. Time evolutions of the separation between the most
massive protostar and the closest one with different threshold
number densities nadib, above which the gas is assumed to evolve
adiabatically. The time is measured in the unit of the free-fall
time with the threshold density nadib for each case. The separa-
tion is normalized by the Jeans length with the same threshold
density and the fixed temperature T = 8000 K. The time origin
corresponds to the moment when the closest protostar is formed
in the disk.
we expect a large number of BH binaries with 104–105 M
at z > 6. Although the exact number density of DCBHs is
under debate, detection of gravitational waves from DCBH
binaries in this mass range will place important constraints
on the formation scenario of SMBHs.
5.3 Effect of FUV self-shielding on the disk
structure
Since we do not include H2 self-shielding against the exter-
nal LW radiation in this study, we may overestimate the
photodissociation rate. To see whether the shielding effect
can modify the disk structure with some enhanced H2 abun-
dance, we have performed following test simulations; for sim-
plicity, we completely omit the LW field when the gas density
exceeds ncrit = 10
6 cm−3, where the cloud becomes optically
thick to the external LW radiation (Draine & Bertoldi 1996).
We have continued to follow the evolution in the accretion
stage for 2000 years.
As a result, we find almost no differences between the
simulations with and without the external LW field. Even
without the LW field, H2 is completely destroyed within the
disk, typically only with the H2 abundance of ∼ 10−8. The
atomic hydrogen cooling still dominates the molecular cool-
ing. Some regions are cooled by adiabatic expansion to have
∼ 3000 K, but it is also seen in the default cases with the
LW field. We thus conclude that the presence of the LW field
has almost no impacts on the disk structure. Our ignorance
of the FUV self-shielding has no effects either.
In fact, H2 molecules are mainly destroyed by collisional
dissociation, not by photodissociation with LW photons. In-
ayoshi & Omukai (2012) show that it occurs in the thermal
state characterized by n & 104 cm−3 and T & 5000 K. In
our simulations, most part of the disk really satisfies the
condition for the collision to dominate the dissociation.
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5.4 Numerical resolution
In our study, the spatial resolution is limited by the adia-
batic threshold density nadib, above which the gas is forced
to behave adiabatically with γ = 5/3. In reality, the thresh-
old density is physically determined as nadib ' 1016 cm−3
(Omukai 2001). The reason why we use the lower value
nadib = 10
13 cm−3 is to save computational costs to follow
the long-term evolution. To see how such an artificial EOS
affects our results, we run test simulations with changing
the threshold density.
The test simulations follow the evolution in the accre-
tion stage where the disk fragmentation occurs in the fila-
mentary cloud. In particular, we focus on the evolution of the
orbital separation Rsep between the most massive protostar
and another one close to it. Fig. 19 shows the time evolu-
tion of Rsep with different thresholds nadib = 10
11 (blue),
2× 1012 (green), 1013 (red), and 1014 cm−3 (magenta). We
here normalize the time by the dynamical time tdyn and the
separation by the Jeans length RJ assuming a fixed temper-
ature of 8000 K,
tdyn = 27 yr
( nadib
1013 cm−3
)−1/2
, (19)
RJ = 44 AU
( nadib
1013 cm−3
)−1/2( T
8000 K
)1/2
. (20)
In all the examined cases, the disk violently fragments
into many pieces in an early stage of t . 50 tdyn. Some proto-
stars migrate inward to merge with the central star, whereas
others remain in stable orbits. Fig. 19 shows that the sep-
aration converges to a few ten times RJ after ' 50 tdyn in
all the cases. This suggests that more tighter binaries will
be resolved with the higher threshold density, with which
the Jeans length is smaller and resulting resolution is higher
(Machida & Doi 2013).
In our cases, however, recall that the radius of a rapidly
accreting protostar with ∼ 103 M is ' 40 AU (see eq. 3)
and tight binaries with the smaller separations are assumed
to be merged. The Jeans length with the default threshold
density nadib = 10
13 cm−3 is RJ ' 40 AU, comparable to the
radius of the bloated protostars. Binaries with the smaller
separations will appear with the higher threshold, but in
any rate they will be merged away after the stars grow in
mass and greatly inflate. We thus conclude that our choice
of somewhat low threshold density will only have a limited
effect on our conclusions. It is to be confirmed by future
simulations with substantially higher spatial resolutions.
6 SUMMARY
We have studied long-term (∼ 0.1 Myr) evolution through
the accretion phase of SMS formation by performing 3D
radiation-hydrodynamic simulations. We argue that tidal
force of nearby galaxies plays a critical role. As shown by
Chon et al. (2016), first of all, the cloud collapse is actu-
ally prevented by this effect in many cases. In this paper,
we show that the tidal force still dominates the later evo-
lution for the rare cases where the cloud collapses. In our
simulation, one cloud is distorted by the strong tidal force
of a nearby massive galaxy, and is deformed to be a filament.
Fragmentation yields multiple star-disk systems, and further
fragmentation occurs in each disk, and more than 10 stars
with a few × 103 M are finally formed. In the other case,
the gas cloud collapses almost spherically with a relatively
weak tidal field. Only a single star-disk system forms in this
case, and a few stars are formed within the disk. The stellar
masses at 0.1 Myr are ∼ a few×104 M in this case, but the
stars are still accreting at a high rate of 0.1 M yr−1. They
are likely to evolve into the SMSs with ∼ 105 M before the
end of their lives.
Throughout our simulations, the UV feedback plays a
minor role. There are two reasons for this. Firstly, the accre-
tion rate onto a protostar is still as large as ∼ 0.1 M yr−1,
even in the case where the surrounding gas is accreted onto
multiple protostars. The protostars are in the supergiant
stage with having a cool atmosphere (Teff ' 5000 K). The
resulting UV emissivity is not strong enough to ionize the
surrounding gas. Secondly, even if the gas is ionized, the ef-
fect of the UV feedback is actually limited. The H II region
remains small and is trapped within the accretion flow. Since
such an H II region cannot dynamically expand, the accre-
tion is not halted. According to our analytic estimates, an
H II region begins to dynamically break through the accre-
tion envelope only after the stellar mass exceeds ∼ 105 M.
The accreting SMSs in our simulations are expected to
collapse into massive BHs at the end of their lives (Umeda
et al. 2016). We thus suggest that 104–105 M BHs are
formed sufficiently early at z = 18 − 12. Since these BHs
will merge into the nearby massive galaxy and sink toward
the galaxy center, they will experience large amount of mass
accretion. If efficient accretion with nearly the Eddington
rate lasts until z ∼ 7, they can attain masses greater than 3×
108 M by z = 7. Whether radiation from the BH accretion
disk prevents the efficient mass accretion is unclear, and
hence warrants further study.
We also find that binaries of 104–105 M SMSs (and
hence BHs) are formed in both the filamentary and the
spherical clouds. These binaries will coalesce and emit a
huge amount of GWs, which can be detected by the future
space observatories, eLISA and DECIGO. Such future
GW detection will provide us a valuable opportunity to
understand the formation of early SMBHs.
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APPENDIX A: ANALYTIC ESTIMATE OF THE
RADIATION FEEDBACK EFFECTS
We here analytically investigate whether the ionizing ra-
diation from the protostar evacuates the surrounding gas.
We consider a central star associated with a gas disk. As
shown in our simulations, a photoionized region first ex-
pands toward polar regions where the density is relatively
low (Fig. 16). We first model the density profile along the
polar axis by the following density profile,
n(r) =

c2s,I
GµImp
r−2 (r > RB,I),
c2s,I
GµImp
R−2B,I
(
r
RB,I
)−α
(r < RB,I),
(A1)
where RB ≡ GM∗/c2s is the gravitational radius, cs the
sound speed, and 1 < α < 1.5 a free-parameter to char-
acterize the inner density profile. The physical quantities
with subscripts I and II correspond to those in neutral and
ionized regions. We have assumed that the density profile
follows n ∝ r−2 in the outer region r > RB,I and it be-
comes shallower within RB,I because of the gravity of the
central star (McKee & Tan 2008). The spherically collaps-
ing cloud yields α = 1.5, while α slightly decreases when the
disk forms around the central star. In fact, our simulations
suggest 1.1 . α . 1.3.
The Stro¨mgren radius RSt, inside which the ionizing
photon supply is fully consumed by the recombination, is
calculated by solving
SUV =
∫ RSt
R∗
4pir2αBn(r)
2dr, (A2)
where SUV and R∗ are the stellar UV emissivity and radius.
With the density profiles given by eq. (A1), we obtain
RSt =

[
(3−2α)G3µ2Im2pM∗
4piαBc
6
s,I
SUV
+
(
R∗
RB,I
)3−2α]1/(3−2α)
RB,I
(α < 1.5),
R∗ exp
(
G3µ2Im
2
pM∗
4piαBc
6
s,I
SUV
)
(α = 1.5).
(A3)
Note that the expression with α = 1.5 coincides with that
found in Omukai & Inutsuka (2002). We assume SUV is equal
to the Eddington luminosity, which is valid for very massive
stars, and R∗ as the ZAMS radius,
SUV = 10
49 s−1
(
M∗
M
)
, (A4)
R∗ = 4.24 R
(
M∗
100 M
)0.59
. (A5)
To see whether the ionized gas is gravitationally bound, we
compare the Stro¨mgren radius to the gravitational radius of
the ionized gas. For α < 1.5, we get
RSt
RB,II
=
(
cs,II
cs,I
)2 [ (3− 2α)G3µ2Im2pSUVM∗
4piαBc6s,I
]1/(3−2α)
= 3
[
4.4× 10−5(3− 2α)
(
M∗
103 M
)2]1/(3−2α)
,
(A6)
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Figure A1. Ratios of the Stro¨mgren radius RSt (eq. A3) to grav-
itational radius of the ionized gas RB,II as a function of the mass
of the central star. The red, green, cyan, and blue lines repre-
sent the different density profiles within the gravitational radius
(eq. A1) with α = 1, 1.2, 1.4, and 1.5. The horizontal solid line is a
critical line of Rst = RB,II, above which a photoionized region ex-
tends beyond the gravitational radius. The horizontal dotted line
is also another critical line for the breakout of the ionized region
Rst = 0.1RB,II, considering the effect of the radiation pressure
against the gravity (see text).
where we have neglected the second term of eq. (A3). In the
last equation, we assume µI = 1.2, µII = 0.6, TI = 8000 K,
and TII = 1.5×104 K, which are motivated by our simulation
results.
Fig. A1 shows RSt/RB,II as a function of M∗ for differ-
ent α. For 1 < α < 1.5, the Stro¨mgren radius exceeds the
gravitational radius only for M∗ & 105 M. The ionized re-
gion is gravitationally bound and confined around the star
until the stellar mass exceeds ∼ 105 M. Such a trapped
ionized region never disturbs the mass accretion. We thus
reinforce our argument in Section 4, i.e., the UV feedback
plays almost no roles in the evolution followed in our simu-
lations.
We have neglected the effect of the radiation pressure
in the above estimate. Thomson scattering effectively coun-
teracts the gravity, so that it helps the expansion of the
ionized region. Such an effect is included in our modeling
with reducing RB,II by a factor of Γ ≡ 1 − L/LEdd(Mtot),
where L is the stellar luminosity, LEdd the Eddington lu-
minosity, and Mtot the total mass within the ionized region
including the gas and star. Accordingly, the condition for the
breakout of the ionized region is modified as RSt/RB,II = Γ.
The highest-mass stars that appear in our simulations have
Γ ∼ 0.1, but Fig. A1 still shows that the breakout occurs
only for M∗ & 104 M. Therefore, our conclusions are not
affected by this effect.
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